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Abstract When a daughter nucleus produced by electron capture takes @ level
transition from an excited state to its ground state in acgyeeutron star crusts, ther-
mal energy will be released and heat the crust, increasus tsmperature and chang-
ing subsequent carbon ignition conditions. Previous swidhow that the theoretical
carbon ignition depth is deeper than the value inferred folaservations because the
thermal energy is not sufficient. In this paper, we preseatirexcited energy from
electron capture of rp-process ash before carbon ignitigmecially for the initial evo-
lution stage of rp-process ash, by using a level-to-leeidition method. We find the
theoretical column density of carbon ignition in the reisigitsuperbursts and com-
pare it with observations. The calculation of the electraptare process is based on
a more reliable level-to-level transition, adopting newedaom experiments or theo-
retical models (e.g., large-scale shell model and protutron quasi-particle random
phase approximation). The new carbon ignition depth isreggd by fitting from pre-
vious results of a nuclear reaction network. Our resultswsti@ average de-excited
energy from electron capture before carbon ignition-&026 MeV/u, which is sig-
nificantly larger than the previous results. This energyeisdiicial for enhancing the
crust’s temperature and decreasing the carbon ignitiothdesuperbursts.
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1 INTRODUCTION

Accreting neutron stars in binaries are regarded as thaeapbn of many high energy astronomical
phenomena, such as Type | X-ray bursts (Belian et al. 197i@ymediate duration bursts (Cornelisse
et al. 2000) and superbursts (Cornelisse et al. 2000). Tpites@mena have been studied extensively.
For example, Peng & Ott (2010) recalculated the heliumignitonditions on the crust of accreting
neutron stars by using improved nuclear reaction ratesec@w et al. (2013) studied flame propa-
gation on their surfaces during Type | X-ray bursts. Parikale(2013) presented a detailed review
of nucleosynthesis that occurs in accreting neutron stars.

Astronomical observations indicate that the heat sour@esafperburst is about three orders of
magnitude higher than that of normal Type | X-ray bursts dreldssociated timescale is several
hours compared to a few tens of seconds for normal Type | Xouagts (Chamel & Haensel 2008;
Keek et al. 2014). Previous research shows the main radigithermal radiation and it is larger
than the energy from accretion, neutrino cooling, rotaéind so on. Type | X-ray bursts are thought
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to be powered by the rapid proton-capture process (rp-ps)¢8chatz 2006), while superbursts are
caused by the unstable burning of carbon at density-100° g cm~3(Gupta et al. 2007; Parikh
et al. 2013). The ignition conditions of carbon burning sashtemperature are crucial to explain
the associated observational phenomena. Gupta et al. \po@josed that de-excited energy (the
released energy as a nucleon transits from an excited stétte ground state) of electron capture
(EC) is an important heat source in crusts of accreting naigtars and helps to explain superbursts,
but the energy is not sufficient. After that, Cooper & Kaplaf@10) investigated the case of isolated
magnetars. They concluded that de-excitation of EC is aefiicient way for thermal energy to be
released in neutron star/magnetar crusts.

Previous calculations of EC were performed under the apmpration of zero temperature, and
did not consider a detailed level-to-level transition odsific nuclei involved in the process. Haensel
& Zdunik (1990) used 1/4 times the difference between ebeckermi energy and threshold as the
de-excited energy when the electron Fermi energy is appiogthe threshold. Gupta et al. (2007)
only considered allowed Gamow-Teller (GT) transitionshiait calculation. In fact, the large-scale
shell model (LSSM), which includes forbidden transitiosispws that the GT levels are generally
much higher than previous estimations (see e.g., the redid@nganke & Martinez-Pinedo 2003),
with induces a significant decrease in EC rates (in geneyagrte order of magnitude or more
for intermediate nuclei). Hence the de-excited energy byskalild significantly change as updated
data are adopted. Moreover, the validity of the EC heat mashastrongly depends on details of the
transition process and the associated reaction ratesslpdper, we make a quantitative calculation
of this problem in the case of a non-zero temperature, ealbetr the initial stage after the birth
of rp-process ash. We adopt a detailed electron captureegsdzased on a level-to-level nuclear
shell model, including the most updated and accurate leatal (such as charge-exchange reaction
experiments, LSSM and proton-neutron quasi-particlesanghase approximation (pn-QRPA)). It
is a more feasible method to obtain reliable de-excitedggnier the accreting neutron star crusts
and in other similar environments in the future.

The paper is organized as follows. In Section 2, we presentnathod, including initial input
physics, and the calculation method used for EC and deeszkeibergy. In Section 3, we present
our calculation results and analysis. Some discussiong@odclusion are presented in Sections 4
and 5, respectively.

2 METHOD
2.1 Initial Composition in the Accreting Neutron Star Crusts as the EC Occurs

It is believed that the accreted matter (mainly H and He) ftbencompanion experiences explosive
H/He burning in the crust of neutron stars. Early studieg.(®Vallace & Woosley 1981) showed the
final production of the explosive burning during the bur€4100s) of an H-rich mixture was Fe
group nuclei via the rp-process (Wallace & Woosley 1984l was considered to be the most abun-
dant final product. Detailed calculations using a shellfla®del with constant pressure showed the
final product should be beyond Fe. Using a sufficient reaatemork, Schatz et al. (2001) found
the rp-process resulted in the synthesis of nuclei far beéy@nand terminated at~-A100 when ac-
cretion rates of neutron stars reached the Eddington &menette or higher. Using both shell-flash
and realistic models of accreting neutron stars with thienfutlear reaction network up to Bi, Koike
et al. (2004) found thdt*Zn was the most abundant element after the burst. Haenskl(é080,
2003) used a single representative nuclétBe or'°°Pb, to investigate heat in the crust (Haensel
& Zdunik 2003, 1990). In this paper we adopt rp-process aslsebe initial composition for EC
(Koike et al. 2004). Of course, the products of the rp-preceay be quite different due to the dif-
ferent accretion rates, ignition pressure of nuclear Imgraind so on. Here, we choose Model 1 in
Koike et al. (2004) as an example to show our method. In thiggasition, Zn is the most abundant
nucleus (34.7% by mass abundance). The mass abundance athéremain nuclei?®Ni, %Ga,
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60Ni, 55Co, 3?S and®’K, are 18.5%, 8.23%, 6.39%, 3.44%, 3.43% and 3.18%, respéhctiThere
are also some residual amounts € (3.65% by mass) antHe (2.24% by mass). Here we do not
include all the nuclei that show low abundance because taey little influence on the final results.
According to the definition of electron fraction, we caldel¢éhe electron fractiol, = 0.48 for the
initial composition.

2.2 Initial Density and Temperature as the EC Occurs

A typical neutron star model with madd = 1.4 M and radiusk = 10 km is used in this paper.
Previous research showed that, to avoid severe neutrisedpthe heat source powering the thermal
emission of the neutron star must be located at or near theg onitst, i.e., within the neutron star’s
outermost 100 m (Kaminker et al. 2009, 2006; Altamirano €2@12) (recent research indicated the
actual value might be deeper (Schatz et al. 2014) or shall{degenaar et al. 2013)). In fact, the
location which is shallower or deeper (i.e., the densityoisdr or higher) is not important for our
results; we will discuss this later. As an example, we setdbation where the EC reaction occurs
at a crust depth of 10* cm.

The previous calculation indicated a reasonable He ignitiumn density isv 10! g cm—2
for superbursts and has been proposed as a possible exmteioat superburst from 4U 0614+091
(Peng & Ott 2010; Kuulkers et al. 2010). One should note thit Yalue is significantly larger
than the case of pure He. For example, the ignition columsitieaf He is2 x 108 g cm~2 for a
fixed pressure of 4x1022 erg cni 3 (Strohmayer & Bildsten 2006). The detailed ignition column
density is also related to accretion rate and compositichd& et al. 1999). Since He burning is
the subsequent reaction after H burning (especially forphgrocess here), and the temperature of
the rp-process is very high (the peak temperature of theapgss may be larger than”1R, Schatz
2006), the interval between the completion of the rp-pree@s! the ignition of He is quite small. We
assume the rp-process ashes appear approximately attietoof column density. 10t g cm2,

i.e., the average density in the outer crusit($ g cm~3.

Now we calculate the density at the location where crustitisp* cm by using the hydrostatic
equilibrium equation, assuming that both the electron deggey pressure and the magnetic pressure
counterbalance gravity. Because the temperature rangeftoKsay radiation is on the order of
10° K, the radiation pressure is so little that it could be reasdyignored. The spin of the neutron
star also has little influence on the hydrostatic equiliforisince the gravitational acceleration is
much larger than the centrifugal acceleration. Theretbeegquation of hydrostatic equilibrium is

1
gﬁAR:Pc,i_PC,O‘Fg(B?_Bg)- 1)

The left side of Equation (1) represents gravity, in whicé fravitational acceleratiopn = G%
whereG is the gravitational constant, is the distance from the center of the neutron star to the
crust, and)M is approximately equal to the mass of the neutron gtar. 107 g cm2 and AR =

10% cm are the average density and thickness of the crust, tasggcThe first and second terms
on the right of Equation (1)F. ; and P, ,, are electron degeneracy pressure of the inner and outer
boundary, respectively. We assume that motions of elesaiomextremely relativistic, so the electron
degeneracy pressure can be written as (Shapiro & TeukoB8%$)1

4/3
P, = hc(3w2)1/3% 7 2)
whereh is the Plank constant,is the speed of light and, = pYeN, is electron number density,
in which N, is Avogadro’s constant. The electron degeneracy pressuhe anagnetar surface is
zero (., = 0). At the inner boundaryl ; is determined by the local density. The last term
of Equation (1) denotes the magnetic pressure differeniwedes the inner boundary and the outer
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one of the shell, wher®; and B, are magnetic field strength for the inner and outer bounslarie
respectively. Both theoretical research and astronorolzsérvations show that the typical magnetic
field strength of a neutron star is10'? G, so we setB; equal to 16> G and the magnetic field
distribution satisfies the relationship(r) = BZ-(R—TB)3 (Thompson 2003), wherBz = 9.9 km. In
all, we now rewrite Equation (1) as follows
9.9\°
(%) ] . ©)

The solution for Equation (3) is;=8.95x 10" g cm 3, i.e., the initial density of matter composing
the rp-process ashesd395 x 107 g cm3. If the location is shallower tharD* cm, the density will
be much lower thap;. We will discuss this situation in Subsection 4.2.

The initial temperature of EC is set to 4208 K which is the same as what was used by Gupta
et al. (2007). Although the maximum temperature after EC neagh 5.% 108 K according to the
calculation of Gupta et al. (2007), such variation in tenapare slightly influences the EC. So, we
assume the temperature to be constant for the sake of sitmpglow all basic parameters describing
the physical environment for EC, including temperaturitighdensity, initial electron fraction and
initial composition, are determined.

4/3
(pvena) ™ po
-~ 7 1Lt

pAR = he(3n%)'/?
9p c(377) 1 o

2.3 Calculation Method of EC Rates

In this paper, we use the shell model to quantitatively dateuEC rates. The precise EC rate must
account for all transitions from all initial statéso different final stateg. For a nucleus with charge
numberZ and mass numbet in equilibrium at temperatur@’, each initial state of the parent
nucleus will produce a final transition intensity distrilaut under the action of the Fermi operator
and GT transition operator as the EC occurs. The ECxatn be written as (Pruet & Fuller 2003)

(2J; + 1) e Fi/(kBT) |Mgr|?,  |Mpl?
A=1n2 E G(Z A T) E 103_59J + 103_7; d’ij (pa Tv }/cv Q’L]) ) (4)
i 5 41y j

whereJ; andE; are the spin and excited energy of the parent states regpggtis is the Boltzmann
constant(z(Z, A, T) is the nuclear partition function, andi/|?; and| M |?; are the GT and Fermi
matrix element for the transition respectively, denoting teduced transition probability from one
of the initial states to possible final states. The phaseesipaegraky;; is defined as

¢ij(p,T,Ye,Qu‘)=/é w?(Qij + w)*G(Z,w) fedw, (5)

wherew is the total rest mass and kinetic energy of the electrore(akgies are in units ofi.c?,
wherem, is the mass of an electron), alé( Z, w) is the the Coulomb wave correction factor.
Qij = (my — mg)c* + E; — E;, wherem,, andm, are the mass of the parent and daughter
nucleus respectively, anfl; is the excited energy of the daughter state. The EC thresbdlel
for Qi; > —1 and? = |Q,;| for Q;; < —1. fo = {1 +exp[(w — pe)/kpT]} " is the electron
Fermi-Dirac distribution function, where. is the electron chemical potential.

Theoretically, the EC rates can be calculated by Equatipru@ning over all levels. However,
it is unlikely to attain an accurate distribution for all éecl states of each nucleus at present in both
experiments and theories, especially for the high excitei#s whose distribution is almost contin-
uous (particularly for heavy nuclei). As the parent nuclisua the ground state, the distribution of
nuclear spins and excitation levels for the daughter neepibe found in the present experimental
data (NNDC 2013) or estimated by using the nuclear shell lmédethe parent nucleus is in low
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Table 1 ®4Zn Energy Levels from Experiment (NNDC 207)3

Elevel (keV)

<
3

0.0
991.56
1799.36
1910.32
2306.75
2609.46
2736.53

P RORNND

Notes:® National Nuclear Data Centelntp://mamwv.nndc.bnl.gov).

excited states, theoretical estimation is effective, asthe LSSM (see e.g., Langanke & Martinez-
Pinedo 1999, 2000) and the QRPA (Nabi et al. 2008; Nabi & 8&j208). As the parent nucleus is
in high excited states, e.d%; > 3 MeV in LSSM, a special hypothesis is essential, in which taa-t
sitions from the excitation energy of any initial stdfgof the parent nucleus to all the possible final
states, the GT distribution moves upward in the daughtelengdy the same amount as the energy
separation between tlith parent state and the parent ground state. That means ttrai@ition op-
erator results in a similar intensity distribution as thensition from the ground state, and only the
location of the level is changed. This is the so-called “Bitrypothesis” (Aufderheide et al. 1994).
The LSSM calculations demonstrated the “Brink hypothesisialid for the bulk of GT strengths
(Langanke & Martinez-Pinedo 1999). Since the temperattieh is considered in this paper is not
sufficiently high (several times (), most of the parent nuclei are in the ground state. For gt@m
the spin 0f**Zn in ground state is zero, $8.J, + 1)e—Fo/k3T —= 1, while the first excited energy of
647n, B, is 0.991 MeV and its spid; is 2 (see Table 1), s@.J; + 1)e~F1/F8T = 4,51 x 10~°0,
This means the probability fZn occupying the first excited state is almost zero. Theeefoe
“Brink hypothesis” will not bring any substantial deviatiowe adopt all relevant data whenever
experimental or theoretical estimations are available.

2.4 The Calculation of the EC De-excited Energy

Considering the transition possibility to each final staté the energy difference between the excited
state and the ground state of the daughter nucleus, thegevdeaexcited energk,. for a nucleus
after one EC is written as

B — Z Z In2(2J; + 1)67Ei/(kBT)(|MGT|12J'/103'59 + |MF|12]'/103'79)¢1'3' (p,T,Ye, Qij)AE--
s G(Z,A,T)A ks

(6)
whereAL;; is the de-excited energy from the excited st&jeo the ground state of daughter nuclei.
When the parent nuclei are in ground states, the excitagigald for the daughter nuclei can be found
in the references in the footnote of Table 2. When the pangrienare in excited states, the excitation
levels are handled as described in Subsection 2.3.

In the pioneering work of Haensel & Zdunik (1990), they haeinped out an interesting phe-
nomenon in the EC. If the parent nucleus is an even-even msi¢lothZ and A are even), it
will become an odd-odd nucleus after EC by changing one opth#ns into a neutron. The EC
threshold of the newly born odd-odd nucleus is generallyelotiian that of the previous even-even
nucleus, so a secondary EC will occurimmediately. Simitartimuous ECs may occur several times
for isobaric nuclei. For comparison, we define the integtateergy released by per antu,, as

Bu=30 30 > Balkom), @)
k n
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Table 2 Listof Nuclei (' = 4.2x 108 K, p = 8.95x 107 gcm 3, Y, = 0.48)

4z chr,gsfgs (MeV) A (571) E_‘L (MeV) 7 (s)

(1) (2) (3) (4) (5)

64Gg(2) —6.65 1.32E-01 3.42E-00 5.27E-00
647n(b) 1.09 7.94E-04 5.86E-02 8.73E+02
64cy(c) -1.16 6.91E-03 5.14E-05 1.00E-02
60 (d) 3.33 6.94E-24 3.33E-12 9.99E22
60Co(e) 0.75 4.23E-08 3.27E-12 1.64E+07
56N () -1.62 6.94E-03 1.72E-00 9.99E+-01
56Co(8) —-4.06 1.17E-03 4.20E+00 5.93E+-02
56 g(h) 4.21 4.72E-34 4.28E-03 1.47E+33
55Co(1) —2.94 1.09E-02 2.99E+00 6.33E-01
55Fel)) 0.28 2.29E-04 2.46E-02 3.02E+03
55Mn (k) 3.11 1.76E-22 4.23E-02 3.93E+21

Notes: (1) List of 11 nuclei that take part in the EC reactibtha initial stage of He ignition, sorted
in order of mass number. The second column lists the the E&Shbid of the nuclei. The third
column lists the EC rates. The fourth column lists the averdg-excited energies. The last col-
umn lists the half-life of the nuclei. (2) (a) NNDC (2013);) (Hitt et al. (2009); (c) NNDC (2013);
(d) Sarriguren et al. (2003); (e) Langanke & Martinez-Bm¢1999); (f) Nabi et al. (2008); NNDC
(2013); (g) Langanke & Martinez-Pinedo (1999); Nabi ef2007); (h) Dzhioev et al. (2010); (i) Nabi
et al. (2007); (j) Nabi (2011); NNDC (2013); (k) NNDC (201%arriguren et al. (2003).

wherey; and A, are the mass abundance and mass number dfttheucleus respectively, and
denotes theth EC for a nucleust, depends on the type of nucleus and corresponding enviradnmen

3 RESULTS

In this section, we examine how much thermal energy will beased by EC during the initial stage
of the rp-process ashes. With the initial conditions in Bec®, the temperatur€ = 4.2 x 108 K,
the densityp = 8.95 x 107 g cm~3 and electron fractiory, = 0.48, then the electron chemical
potentialy. = 1.87 MeV (including the rest mass).

We define the EC threshold from ground state to ground S@Mesition,(Q¢hr, gs—gs, aS(mq —
my)c?. In this definition, a negative threshold denotes that ther€Ztion does not require extra
electronic energy; a positive threshold denotes that dmyelectrons whose energy exceeds the
corresponding threshold can effectively take part in ther&&ttion. That is, if electron chemical
potential is lower than the threshold, only a small numbeglettrons in the high-energy tail can
take part in the reaction. Consequently, their rates ang sraall. Table 3 shows the EC threshold,
EC rates, average de-excited energy and halfrlife = In 2/)) of the nuclei.

To ensure our calculation results are reliable, we have epatithem with those in the previous
references such as Langanke & Martinez-Pinedo (2001 pbie2, one can find the electron capture
rates, average released energy per nuclei and half-lifguate different for these nuclei due to their
different thresholds. For the most abundant nutiZn, the electron chemical potential is larger than
its threshold at this time, and the EC can proceed effegtittwever, this reaction is dominated by
the ground state to ground state transition, so thafthés small. Although the electron chemical
potential is larger than the threshold §fCo, we find the released energy is so little that it can be
ignored. This is because the energy originates from deagian of the daughter nucleus. The first
excitation level of the daughter nucleli8Fe, is~2.1 MeV, but the electron chemical potential is
1.12 MeV larger than the threshold, so the transition proitatio the first excited state of’Fe
is small. Therefore, in summary, the released energy diyatepends on the distribution of levels
in the daughter nuclei, in addition to the reaction ratesTiie is also suitable for the case when
He IS less tharmn, os—gs. FOr example, the electron chemical potential is less tharthreshold
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Table 3 The EC Reaction Chains of the Main Nuclei

Az EC reaction chains

647n 647n(e—, Ve)64Cu(e’ ,I/e)64Ni

56Ni 56Ni(e™, e)?6Cole™, v.)?SFe
64Ga 64Gak~, ve)%Zn(e, ve)%4Cule, ve)%4Ni
60Ni 60Ni(e™, 1)%9Cole, v.)%OFe

55Co 55Co(e™, ve) 9 Fele ™, ve)?®Mn(e, 1,)?5Cr

of ®Fe. Although the capture rate ¥fFe is almost equal to zero, its average de-excited energy is
4.28 x 1073 MeV per capture. For the case ©Ni, since the transition is dominated by the ground
state to ground state case, both its capture rate and avetagsed energy are almost equal to zero.

Another important output is the half-life of the parent reicFor example, the half-life §fZn is
873 s~13 minutes, but the observed recurrence times of the supstdne on the order of one year,
s0 most®*Zn will be quickly depleted, changing 3 Cu. Because the electron chemical potential
is much higher than the EC threshold GfCu (Qtnrgs—es = —1.16 MeV), 54Cu will continue
to quickly capture electrons (this is the “even-even nugleffiect”), producing more stabféNi.
Fortunately, the threshold 6fNi (7.82 MeV) is much higher than the electron chemical ptiégn
50 54Ni is stable in this environment. In a similar analysis of tither nuclei, we find that®Ni,
64Ga, %°Ni and °°Co will be quickly depleted, producinyCo, 4zn, 5°Co and®°Fe, respectively.
Continuing EC occurs and generatége, “Ni, °Fe and®Cr, respectively (their reaction chains
are shown in Table 3). Furthermore, for nuclei with high gh@ds such a$’C (Qtnr gs—gs =
13.88 MeV), they can avoid EC for a long time. Thus in summary, thénnséable nuclei aré°Fe,
64Nj, 60Fe,55Cr, 12C and*He. At the same time, the electron fractibn will decrease to~0.46
after the initial EC stage.

By using Equation (7), we gdt, = 26.26 keV/u, in which the contribution frorf#*Zn, 56Ni,
64Ga and’®Co are 0.32, 19.56, 4.47 and 1.91 keV/u, respectively. Theetion rates of the neutron
star arel0'6 — 10'® g s! (Schatz et al. 2014). To estimate an extreme situation, wenas all
the accreted matter will experience the EC stage describexeaof course, in fact, only partially
accreted matter experiences rp-process burning (Schakzl&99)). The maximal limit of released
thermal energy i2.53 x 1032 — 1034 erg s™! corresponding to different accretion rates. The super-
burst releases 10*2 erg per burst (Parikh et al. 2013). Although the de-exciteztg@y we calculated
cannot supply the amount of energy needed for a superbussi| plays an important role as the
ratio of the rp-process ashes to the accreted matter is high.

After the initial EC stage, the matter will be compressed ttuthe accumulation of accreted
matter on the surface and gravitation. The density willéase with time till the carbon ignition in
the heavy-element bath(® — 10° g cm~3). Gupta et al. (2007) tracked the evolution of the matter
and the energy released by EC up to electron chemical pates20 MeV using a large nuclear
reaction network. Here we do not consider the subsequeneB@ions, and an estimation of the
influence of our results on the final carbon ignition conditigill be discussed in the following
section. Our method introduced above is valid in the nucgieaction network.

4 DISCUSSION
4.1 An Estimation of the Column Density Required for Carbon Ignition

The previous study by Gupta et al. (2007) demonstrated tbat of the de-excited energy from the
EC is deposited in the crust, rather than being carried awayebtrinos. This leads to a hotter crust
and decreases superburst ignition depths and recurranes.tin their work, they set de-excited
energy afu. = 1 MeV to zero. Our results show the integrated de-excitedgratr.. = 1.87 MeV

is 26 keV/u. In Gupta et al.'s work, however, this valued2 keV/u without consideration of the
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de-excited energy at the initial stage. Therefore, the awgd integrated de-excited energy based on
our results will be much larger than the previous case if #fmesnuclear reaction network is adopted
to describe the subsequent evolution. The observatiorrgdé¢hat a reasonable column density for
carbon ignition is5 x 10! — 2.7 x 10'2 g cm~2 (Cumming et al. 2006). The average column
density for carbon ignition is- 1.6x10'? g cm 2 and the corresponding average electron chemical
potential is~3.5 MeV arising from equations describing the thermal stmec of the crust. The
fiducial integrated de-excited energyat= 3.5 MeV is ~ 10 keV/u (see Gupta et al. 2007, fig. 4).
The released energy after the initial stage is very smatlglsan so the new integrated de-excited
energy at carbon ignition is at least 2.6 times larger tharptievious case.

The column density of carbon ignitiay, ., is roughly linear with carbon ignition temperature
(see Gupta et al. 2007, black dots in fig. 9). The reason isuthgtable C ignition must meet a con-
dition: the nuclear burning timescale is less than the ¢mtighal collapse timescale. The burning
timescale is inversely proportional to nuclear reactiae,ravhich is proportional to the square of
number density. The number density of C in the crust incieasth column density. This causes
the increase of nuclear reaction rate at a lower ignitiorpenature, triggering the unstable C igni-
tion. On the other hand, the increase of column density wiliéase energy loss due to the plasma
neutrino emission process. This causes the temperatura toertoo high. We fit the relationship
betweerl” andyc;,, by

lg yc;,., = 15.45407 — 5.95786 Ty, (8)

where Ty is the temperature in units of 1K (GK). Previous calculations show that, . is
3.7x10'? g cm~2 as the accretion rate is 0.3 times the Eddington mass amereite, and the
corresponding ignition temperature~€.485 GK. This means that the de-excited energy, 10 keV/u,
can enhance the ignition temperature-§.065 GK. Assuming the change in specific heat is slight
in this process, the improved temperature based on ourlatitmucan be expected to be).59 GK.
Using Equation (8), we get the new ignition column dengity,, = 8.69 x 10'! g cm2, which

is in accordance with observations (e.g., Altamirano eR@ll2). If the Cooper-pairing neutrino
emissivity is suppressed, the ignition column density catotver.

4.2 The Influence of Initial Density and Composition

In this paper, the initial density is set 895 x 107 g cm3. In Gupta et al.'s work, however, the
initial density is set t65.2 x 10 g cm3. We also calculated the de-excited energy at the same
density, and found the integrated de-excited endrgy= 23.8 keV/u, which is just a little smaller
than the current value. Therefore our results are not $emgitthe initial density. This is because the
released energy is dominated by nuclei whose EC threshakbjative (they do not need additional
energy from the electrons). Even if density approachesatgte neutron star’s surface, EC of those
rp-process ashes will also occur and they release thermeadgaccording to our calculation. This
energy was not included in the previous works.

Our results are closely dependant on the composition ofphacess ash. The product of the
rp-process can vary a lot due to different physical inputiKK et al. 2004). Only the composition
of Model 1 in Koike et al. (2004) is used in this paper. We arnatyModels 2 and 3 in Koike et al.
(2004), and found the dominant nuclei for de-excited enstph as®Ge, ?Se,"5Kr and®' Sr also
have very small, even negative, thresholds. The initiadted& chemical potential is about 1 MeV,
so a large amount of de-excited energy will be released.€fber our conclusion is valid for the
different composition of rp-process ashes.

4.3 The Influence of the Magnetic Field

It is known that there is a strong magnetic field both at théaserand inner part of the neutron star.
Strictly speaking, the magnetic field will influence the E@ralowever, only when the magnetic
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field is stronger than the critical magnetic field, 4.414'2 G, can it substantially affect the weak
interaction rates (including EQ; decay and so on) (Luo & Peng 1997; Zhang et al. 2006, 2010).
Recent statistical results show the magnetic field of theoritgjof neutron stars is in the range
10 — 103 G, including both old and young neutron stars (Igoshev & kygih 2011). Especially

for an accreting neutron star that undergoes a superblest hagnetic fields are often even lower
than the normal ones. So, the magnetic field has a negligifileence on the rates and de-excited
energy in this environment.

5 CONCLUSIONS

We have studied the de-excited energies of EC in accretiogyarestar crusts by using rp-process
ash. These energies can be locally stored in the neutrds stast and will affect the unstable con-
ditions required for carbon ignition. In particular, we kagstimated the temperature and column
density required for carbon ignition. We conclude that tktemnal energy of EC at the initial EC
stage will significantly enhance the temperature and dsertee column density required for carbon
ignition, and can explain some observational phenomeagegkto superbursts. The efficiency of our
results strongly depends on the type of composition, arglvalid for regular rp-process ashes. In
addition, the calculation method of the de-excited eneigyBC is also valid in some other astro-
nomical phenomena such as the thermal source for Type | Xemagsion from accreting neutron
stars.
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